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The first stars: a trigger for the 
phase transition of the Universe
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The first-star binaries/multiples
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Former 3D simulations for the entire 
formation process of the first stars
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where cs is the local sound speed and Σ is the vertical column
density. Because the spiral arms have Q1, gravitational
instability makes them prone to fragmentation. This feature is
not seen at lower resolution for the same epoch (Figures 3(a),
(b)). The evolution for this case is quite similar to that shown in
Vorobyov et al. (2013), who study disk fragmentation using 2D
face-on (thin disk) simulations at even higher resolution
than ours.

Our results suggest that the stellar mass growth is not
hindered, but rather accelerated due to disk fragmentation. This
is because newly created fragments rapidly migrate inward
through the disk and ultimately accrete onto the star. This
behavior is shown in Figure 22, tracking the orbital motion of
the fragments seen in Figure 3(c). Both fragments rapidly
migrate inward and reach the star in less than 100 years. Recent
3D simulations by Greif et al. (2012) also report a similar
rapid migration in highly gravitationally unstable disks. Greif
et al. (2012) conclude that the typical timescale for such
migrations is roughly the local free-fall timescale, the shortest
timescale for any physical process driven by gravity. For our
case B-NF-HR4-m20, the density near the disk midplane is
n 1011 -cm 3, for which the free-fall timescale is
tff2.5×102 years. The migration timescale is therefore

also of the order of the local free-fall timescale in our
calculations. The rapid inward migration of the fragments in
gravitationally unstable disks is also commonly seen in
simulations of present-day star and planet formation (e.g.,
Vorobyov & Basu 2006; Baruteau et al. 2011; Machida
et al. 2011; Zhu et al. 2012). These studies show that rapid
migration occurs roughly over the so-called type I migration
timescale
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Figure 22. Inward migration of two fragments (crosses) for case B-NF-HR4-
m20. As in Figure 3, colors represent the gas column density but for a smaller
region around the central star. The black (white) contours delineate the
boundaries where the Toomre-Q parameter takes the value Q = 1.0 (Q = 0.1).
Spiral arms and fragments consistently have Q< 1. Panel (a): Evolutionary
age t= 1.16×103 years (the same moment as in Figure 3) Panel (b): 80 years
later. The black and dark-blue crosses mark the positions of the two fragments
every 10 years.

Figure 23. Radial distributions of physical quantities for the circumstellar disks
shown in Figure 22: (a) Toomre Q-parameter, (b) vertical column density Σ, (c)
fragment mass Mf (Equation (29)), and (d) type I migration timescale
(Equation (28)). In each panel, the red curves pertain to the evolutionary state
depicted in Figures 3(c) and 22(a), whereas the blue curves correspond to 80
years later (see Figure 22(b)). These two epochs are also displayed in
Figure 24. In each panel, solid curves depict quantities averaged over the
azimuthal f direction. The dashed lines in panel (a) represent the minimum
values Qmin(r) in an annulus of radius r, which roughly trace the Q values
through either spiral arms or fragments. In panel (b), the thick dotted line shows
the profile Σ∝r−1 for reference. The colored dashed lines in panels (c) and (d)
represent the mininum values of the estimated fragment mass and corresp-
onding migration timescale in the annulus of radius r. In panel (c), the red filled
circles indicate the masses of the two fragments marked in Figure 22(a). In
panel (d), we also plot the Kepler orbital period *p=P r GM2Kepler

3 for
M*= 45.4 :M with a black dashed line.
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is smaller than that in Hirano et al. (2014). They found ∼1/3 of
the minihalos host such less massive clouds. It likely originates
in the lack of HD cooling in our simulations. As pointed out by
Hirano et al. (2014), HD cooling would be important for our
sampled halos that cool down to T ≈ 200 K.

The mean spin parameter of the clouds in Runs A is slightly
higher than that in Runs B, in contrast to the fact that the mean
spin parameter of halos in Runs A is slightly lower than that
in Runs B. It is not easy to give a comprehensible reason for
the trend, since the angular momentum of the central baryonic
component is determined at a much smaller scale than the halo
scale.

4.3. An Example Among the Local Simulations

We obtain 59 minihalos that are going to host first stars from
the cosmological simulations as described above. The next step
is to perform local RHD simulations of first star formation using
these minihalos as the initial conditions. In this section, we
show the results of a particular case among these minihalos in
which the low mass stars form, as in the case shown in Susa
(2013). The present result is consistent with that of Susa (2013).

In Figure 6, we show the density distribution of the gas within
2000 AU (=10−2 pc) in radius around the primary first star at
three epochs (hereafter we call the most massive star at the
final phase the primary star). The color denotes the density,
the small spheres represent the positions of the sink particles,
and their radii are proportional to the mass of the sinks. In
the early phase of the mass accretion (2180 yr after the first
sink, top), dense accretion disks form around the primary star
and we find a prominent spiral structure, similar to previous
works (e.g., Susa 2013). After a while, the spiral arms fragment
into sink particles, and the gas density surrounding the sink
particles declines because of the radiative feedback from the
stars (8180 yr, middle). Finally, the gas density around the sink
particles becomes much lower than the initial disk, which will
limit the further mass growth of the sinks (98780 yr, bottom).
The masses of the sinks at the final stage of the simulation are
in the range of 4 M⊙ ! M∗ ! 40 M⊙.

Figure 7 shows the number density of the gas nH (top), gas
temperature (middle), and H2 fraction yH2 (bottom) as functions
of the distance from the primary star. Each dot corresponds to
an SPH particle, and the three colors represent three snapshots
at different epochs that are equivalent to those in Figure 6.

In the early phase, 2180 yr after the formation of the primary
star, an accretion disk of nH ≃ 1012 cm−3 forms at inner 10−3 pc
(≃200 AU) region (top, red dots). The temperature of the disk is
!1000 K (middle, red dots) and it is fully molecular (bottom, red
dots). We also observe less dense particles of 1010–1011 cm−3

at r < 10−3 pc (top, red dots), which are located on the
polar region of the primary star. The temperature of these gas
particles is as low as several ×103 K, and the H2 molecules are
dissociated. The gas is heated by the chemical heating of the H2
formation process, which is prominent because of the presence
of photodissociative radiation from the protostar (Susa 2013,
see also Section 5). We also note that Turk et al. (2010) reported
the importance of chemical heating even before the protostar
formation. As the time proceeds, the gas density around the
central protostar gets lower and lower (top, green/blue dots),
and the temperature stays around 103 K ! T ! 104 K (middle,
green/blue dots). At the final stage, the gas is totally dissociated
and the density is as high as 107 cm−3.

Figure 8 shows the evolution of the six sink particles born in
this particular case on the M∗ − Ṁ∗ plane. The final mass of the

Figure 6. Density distributions at three snapshots: 2180 yr, 8180 yr, and 98780 yr
after the formation of the primary star by pseudo volume rendering. White
spheres represent the sink particles, and the size is proportional to their mass.
(A color version of this figure is available in the online journal.)

primary one is as large as 40 M⊙, while the others are !10 M⊙.
The final mass accretion rates are Ṁ ! a few × 10−5 M⊙ yr−1,
which is much lower than the initial rate of 10−2–0.1 M⊙ yr−1

because of the radiative feedback effects. In addition, the mass
accretion rate at this later phase would be lower than this value
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METHODS
code & simulation set-up
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New code: SFUMATO-RT
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Mass of primordial stars 571

Figure 1. Schematic view of the cosmological simulation. From a parent simulation (the background panel), we generate 55 zoomed initial conditions which
cover each cradle region (the red circle shows one of them). We finally obtain 1540 star-forming clouds from zoom-in simulations (white circles in the
foreground panel) and follow their formation and evolution. The colour contour reveals the projected density level of DM which increase from blue to yellow.

Pop III component at z ! 10–15 (e.g. Agarwal et al. 2012; Johnson,
Dalla Vecchia & Khochfar 2013). Thus, we stop our simulations at
z = 10 (see also discussion in Section 7.2).

2.2 Deriving the correlations between the FUV intensity and
stellar masses: 2D RHD simulations

The mass of a Pop III.1 star is largely determined by the physical
properties of the natal gas clouds, e.g. the cloud mass and the ro-
tation degree as shown in Paper I. For Pop III.2D stars, however,
there are additional parameters that could affect the star forma-
tion process. One is the intensity of photodissociating FUV radi-
ation in Lyman–Werner (LW) bands, which is often normalized
as J21 = JLW/(1021 erg s−1 Hz−1 sr−1). This radiation destroys H2

and HD molecules, and prevents the cooling and collapse of the

cloud. In this study, we investigate the dependence of Pop III.2D

star-formation on the parameter J21.
Another parameter is the central density when the photodis-

sociating photons reach the cloud. We fix this parameter at
nH,cen,rad = 10 cm−3 for the following reasons. In reality, the
FUV photons might affect the earlier phase of the collapse
(nH,cen,rad < 10 cm−3). Pop III.2D stars could then form with less effi-
cient self-shielding. However, in our calculations it takes ∼100 Myr
for such a low-density cloud to begin to collapse with the re-
duced amount of H2 molecules. It is unlikely that the intensity
of FUV radiation remains strong enough for the Pop III.2D star
formation mode for such long time; typical stellar lifetimes of the
FUV sources are only a few million years. For the opposite case
(nH,cen,rad > 10 cm−3), self-shielding prevents photodissociation and
the cloud forms a Pop III.1 star; we find that self-shielding becomes

MNRAS 448, 568–587 (2015)

Initial conditions
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Simulation set-up
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homogeneous, zero-metallicity gas cloud in solid body rotation
with constant density, temperature, and chemical composition.
The results of these idealized simulations are discussed in the
Appendix. These more simplified initial conditions allow us to
test the effects of varying numerical settings in a controlled
manner.

4. RESULTS

4.1. Overall Results

We first summarize the simulation results for our fiducial
cases A–E. As seen in Figure 2(a), the stellar mass growth
histories show a great variety in the ∼105 years after the
formation of embryo protostars. Ordinary massive stars with
M*< 100 :M result in cases D and E. In particular, the final
stellar mass is only ∼15 :M for case E. For cases A–C, on the
other hand, the stellar masses reach several hundred solar
masses at the end of the simulations.

Figure 2(b) displays the highly variable accretion histories
for all cases. Such a high degree of variability is a well-known
feature of mass and angular momentum transport through self-
gravitating circumstellar disks. Figure 3 presents examples of
the density structure of self-gravitating disks seen in our
simulations. The disk has non-axisymmetric spiral arms, which
produce the gravitational torques leading to variable mass
accretion. In Figure 2(b), we see that the mass accretion finally
ceases for cases C–E; the mean accretion rates for the last
104 years having fallen down to ∼10−5 -

:M yr 1 due to UV
feedback. For cases A and B, however, the accretion rates are
still higher than 10−4 -

:M yr 1 at t= 7×104 years. Although
the simulations end at this point due to high computational
costs, the stellar masses will continue to increase via accretion,
because UV feedback has not yet become fully effective.

Figures 4 and 5 shows that, for all cases, bipolar H II regions
form and grow within the larger H2 photodissociation regions
(PDRs) within a few ×104 years after stellar birth. Although

the snapshots look quite similar, the stellar masses at the
evolutionary stage of H II region formation differ significantly
among the cases; the stellar mass is lower in alphabetical order
for cases A through E. For cases A–C, it is not until the stellar
masses exceed 100 :M that the H II regions appear. For cases D
and E, however, only a few ×10 :M stars can create H II

regions.
The diversity of stellar masses which first form an H II

region comes from the different protostellar evolution with

Figure 2. Time evolution of the stellar masses (a) and accretion rates (b) for
cases A (green), B (blue), C (black), D (red), and E (magenta). The time t= 0
corresponds to the formation of embryo protostars.

Figure 3. Gas column density along the polar direction of the self-gravitating
circumstellar disks obtained with different spatial resolution (cases B-NF,
B-NF-HR2-m0, B-NF-HR4-m20 for panels (a), (b), and (c), respectively; see
text and Table 1). The snapshots are shown at the same epoch
t= 1.16×103 years, but the accreted stellar masses differ due to different
prior accretion histories. In each panel, the black contours mark the positions
where the Toomre-Q parameter takes the value of Q = 0.3.
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The results of these idealized simulations are discussed in the
Appendix. These more simplified initial conditions allow us to
test the effects of varying numerical settings in a controlled
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cases A–E. As seen in Figure 2(a), the stellar mass growth
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M*< 100 :M result in cases D and E. In particular, the final
stellar mass is only ∼15 :M for case E. For cases A–C, on the
other hand, the stellar masses reach several hundred solar
masses at the end of the simulations.

Figure 2(b) displays the highly variable accretion histories
for all cases. Such a high degree of variability is a well-known
feature of mass and angular momentum transport through self-
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CASE OF MINIHALO C
a typical pop III star formation site
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Evolution of 
Protostars
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The particles accrete the gas within the sink radius
rsink=64 au, which is equal to a half the Jeans length for
molecular gas with nH=nsink and T=1000 K. Particles are
assumed to merge when their distance becomes shorter than
2 rsink.

We calculate the radiative property of Population III
protostars using a precalculated table obtained with a one-
dimensional stellar evolution code under the assumption of
constant accretion rates (Hosokawa & Omukai 2009;
Hosokawa et al. 2010). The table gives the emission rates
of extreme-ultraviolet (EUV; hν>13.6 eV) ionizing and
far-ultraviolet (FUV; 11.2 eV < hν<13.6 eV) dissociating
photons for a given set of the stellar mass M and accretion rate
M� . We average the accretion rates over 300 yr, to take into
account the transport of material through the unresolved parts
of the accretion disks, as in H16. In addition, no strong time
variation of M� is observed in the late phase of our run when the
radiative feedback is significant partly because protostars
acquire mass through disk accretion driven by the gravitational
torque of spiral arms rather than through mergers of clumps
(see Stacy et al. 2016). We can therefore neglect the
dependence of stellar properties on the accretion history (but
see also H16 for the case the accretion history matters).

The RT of the direct photons from each protostar is solved
with the adaptive ray-tracing (ART) method (Abel &
Wandelt 2002; Wise & Abel 2011; Kim et al. 2017; Rosen
et al. 2017), with which the rays are adaptively split to ensure
the minimum number of rays per cell, Nray=3. Along each
ray, we calculate the absorption of EUV photons by H
ionization and the FUV photons by H2 self-shielding,
as in H16.

Our computational domain is a cube with the side length
Lbox=5×105 au. We set the base grids with Nbase=128
cells in each direction and adaptively refine the cells to resolve
one Jeans length with at least 16 cells. We set the maximum
refinement level lmax=10, resulting in the minimum cell size
of D = ´ »-x L N 2 4 aul

min box base max .

2.2. Initial Condition

We simulate the formation of a Population III star binary/
multiple system in a fully cosmological context. To this end,
we pick up a typical primordial star-forming cloud from more
than 1600 samples obtained in the previous cosmological 3D
smoothed particle hydrodynamics (SPH)/N-body simulations
(Hirano et al. 2014, 2015). The cloud we have chosen is the
same as case C of H16, for which they found the mass of the
formed star has the median value among the five cases
examined. This cloud begins to collapse at z=24 in a
minihalo of 2×105Me. We start our radiation hydrodynamics
simulation by remapping the particle-based cosmological
simulation data to our Cartesian grids when the central density
reaches 106 cm−3. We stop the simulation at 1.2×105 yr after
the first protostar formation, when the accretion is almost
terminated and the final stellar masses are fixed. At the end, the
simulation has required 9 months with 512 cores.

3. Results

Figure 1 shows the time evolution of the sink particles, i.e.,
protostars, appearing in our simulation. In the figure, masses,
accretion rates, and separations are plotted from top to bottom.
We give IDs S1–S7 to the protostars in order of the formation

time. According to qualitative transitions of the system, we
define five evolutionary phases: (a) gravitational collapse, (b)
initial fragmentation, (c) binary accretion, (d) late-time
fragmentation, and (e) photoevaporation. For each evolutionary
phase, we show a snapshot of the face-on surface density and
edge-on temperature in Figure 2. In the late-time fragmentation
phase, we also present a 3D rendering view in Figure 3. Below,
we will describe how star formation proceeds in our simulation,
tracing the five evolutionary stages.
(a) Gravitational collapse. We start our simulation from the

initial condition of the cloud 1.5×105 yr before the first
protostar formation (Figure 2(a)). The gravitational collapse
proceeds in a self-similar fashion (Larson 1969; Penston 1969),
with the central core having an oblate shape due to the rotation
of gas.
(b) Initial fragmentation. As the maximum density increases

as a result of the self-similar collapse, the first protostar, S1,
forms at the center of the rotating core. Subsequently, the gas
with finite angular momentum falls to the vicinity of S1 and a
circumstellar disk is formed. The disk is highly gravitationally
unstable because of its relatively high mass compared with the
newly forming central protostar and vigorously fragments into
several protostars (Figure 2(b)). Most of them, however, do not
survive as a result of accretion on the central star after inward
migration through the disk or merger with others by three-body
scattering.

Figure 1. Time evolution of the mass (top), accretion rate (middle), and
separation (bottom) of each protostar. The time t is measured from the first
protostar formation, which happens 1.5×105 yr after the start of the
simulation. The labels (a)–(e) shown at the top correspond to the evolutionary
phases discussed in the text. The line colors represent the IDs of the protostars
indicated in the top panel. In the top and middle panels, the dashed lines show
the total mass and accretion rate, respectively. In the bottom panel, we plot the
separations of the pairs of protostars whose IDs are indicated with the pairs of
numbers, with the horizontal dashed line showing the threshold separation for
merger. We do not solve the individual dynamics of S1, S6, and S7 after
t=5.5×104 yr, as described in the text. The top black arrows mark the times
at which we present snapshots in Figure 2.
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The resulting stellar system in Case C
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CASE OF MINIHALO D
a formation site of low-mass Pop III star(s)
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The resulting stellar system in Case D
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CONCLUSIONS
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Summary
• �����%�� �!��!����"��$��#���"����#�����#�!����!��#���� !���""����#�����!"#�"#�!"�

�!�����"�������������#���������#���"�#��#�������������!�#���� ��"�

• �����%����%��� �������$"�������&�������	����������� �������������&����#���
��!��#��������$�#� ��� !�#�"#�!" &�#������)������""����#����!����#������������

• ��""�%������!(��$�#� ���"#�!"���!�������#�����#&���'���������"�"

������!"#�"#�!"���!���"���""�%������!(��$�#� ���"#�!"�

Discussion

• ��������!��"�����$!�"��$��#���"��!����""�%�����$����$#�#�����"#��#�#�����#���
 !�����#�!"����!����#�(���"�!%�������!(��
"�� �!#�(��$��#��#�������#���!�"��$#���

• �������$!�"��$��#���"���%��"��&��#��#�#��� �("��"���������#������!(���!��#�����"�
�""��#������!���!"#�"#�!���!��#�������!��!�"�� ����"��������#��!�%����#���"#�#�"#�����
 !� �!#��"����#�����!"#�"#�!"��"$����"���""�"������!�#��" ��������!(�"� �!�#���"
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